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ABSTRACT
Many hot Jupiter (HJ) systems have been observed to have their stellar spin axis
misaligned with the planet’s orbital angular momentum axis. The origin of this spin-
orbit misalignment and the formation mechanism of HJs remain poorly understood.
A number of recent works have suggested that gravitational interactions between host
stars, protoplanetary disks, and inclined binary companions may tilt the stellar spin
axis with respect to the disk’s angular angular momentum axis, producing planetary
systems with misaligned orbits. These previous works considered idealized disk evo-
lution models and neglected the gravitational influence of newly formed planets. In
this paper, we explore how disk photoevaporation and planet formation and migra-
tion affect the inclination evolution of planet-star-disk-binary systems. We take into
account planet-disk interactions and the gravitational spin-orbit coupling between the
host star and the planet. We find that the rapid depletion of the inner disk via photo-
evaporation reduces the excitation of stellar obliquities. Depending on the formation
and migration history of HJs, the spin-orbit coupling between the star and the planet
may reduces and even completely suppress the excitation of stellar obliquities. Our
work constrains the formation/migration history of HJs. On the other hand, plane-
tary systems with “cold” Jupiters or close-in super-earths may experience excitation
of stellar obliquities in the presence of distant inclined companions.
Key words: planets and satellites: dynamical evolution and stability - planets and
satellites: formation - planets and satellites: gaseous planets - planet-disc interactions
- planet-star interactions - protoplanetary discs
1 INTRODUCTION
Many exoplanetary systems containing hot Jupiters (HJs,
giant planets with periods of order a few days) have been
found to have their orbital angular momentum axis signif-
icantly misaligned with the spin axis of the host star (e.g.
He´brard et al. 2008; Narita et al. 2009; Winn et al. 2009;
Triaud et al. 2010; see Winn & Fabrycky 2015; Triaud 2017
for recent reviews). This “spin-orbit misalignment” is un-
expected for a planet formed in a protoplanetary disk, as
a young star’s spin axis is expected to be aligned with the
disk’s angular momentum vector. One explanation is HJs
are formed through high-eccentricity channels, in which the
planet is pumped into a very eccentric orbit as a result of
gravitational interactions with other planets or with a dis-
tant stellar companion, followed by tidal dissipation which
circularizes the planet’s orbit (e.g., Wu & Murray 2003; Fab-
? Email: jjz54@cornell.edu
rycky & Tremaine 2007; Nagasawa, Ida, & Bessho 2008;
Wu & Lithwick 2011; Naoz, Farr & Rasio 2012; Beauge´
& Nesvorny´ 2012; Petrovich 2015; Anderson, Storch & Lai
2016; Mun˜oz, Lai & Liu 2016; Hamers & Portegies Zwart
2016). In this “high-eccentricity migration” scenario, the
chaotic spin evolution of the parent star driven by the chang-
ing orbit of the planet (even for planets which do not suf-
fer “orbit flips”) plays the dominant role in setting the fi-
nal spin-orbit misalignment (Storch, Anderson & Lai 2014;
Storch & Lai 2015; Storch, Lai & Anderson 2017). Currently,
it is unclear what fraction of HJs are formed through these
high-eccentricity routes, and several observations remain dif-
ficult to explain, such as the lack of giant planets with high
eccentricities (Dawson, Murray-Clay & Johnson 2015), and
the correlation between the spin-orbit misalignment and the
effective temperature of the host star (e.g., Albrecht et al.
2012; Mazeh et al. 2015; Li & Winn 2016; Winn et al. 2017).
Other mechanisms have been proposed to explain spin-
orbit misalignments of HJ systems. One idea is that the
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misalignment is indicative of stellar astrophysics rather than
planetary formation. In Rogers, Lin, & Lau (2012), it was
suggested that internal gravity waves in massive stars may
transport angular momentum in the radiative envelope, al-
tering the star’s surface rotation direction in a quasi-periodic
manner.
There is observational evidence that a non-negligible
fraction of HJs may be formed in protoplanetary disks in-
situ or through disk-driven migration. For example, HJs
(or hot Neptunes) around young T Tauri stars have re-
cently been detected (Donati et al. 2016; David et al. 2016);
such young HJs can only form in protoplanetary disks or
through disk-driven migration. The HJ WASP-47b has two
low-mass neighbors (Becker et al. 2015), and thus cannot be
formed through high-eccentricity migration. Boley, Grana-
dos Contreras & Gladman (2016) and Batygin, Bodenheimer
& Laughlin (2016) have advocated in-situ formation for such
systems. Schlaufman & Winn (2016) found that HJs are
equally likely to have exterior giant planet companions in-
side the ice line compared to longer-period giant planets,
and argued against the high-e migration scenario for HJ
formation. For HJs formed in-situ or through disk-driven
migration, the observed stellar obliquities may result from
“primordial misalignment,” where spin-orbit misalignments
are produced while the planets are embedded in the proto-
planetary disk. Ways of generating primordially misaligned
disks include chaotic star formation (Bate, Lodato & Pringle
2010; Fielding et al. 2015), dynamical encounters with other
proto-stellar systems (Thies et al. 2011), magnetic star -
disk interactions (Lai et al. 2011; Foucart & Lai 2011), and
gravitational interactions with inclined planets (Matsakos &
Ko¨nigl 2017).
Batygin (2012) first suggested that the gravitational
torque from an inclined binary companion can change the
orientation of a protoplanetary disk with respect to its host
star. Batygin & Adams (2013), Lai (2014) and Spalding &
Batygin (2014) included the gravitational coupling between
the host star and the disk, and showed that a secular reso-
nance occurs during the disk evolution, leading to a robust
excitation of misalignment between the stellar spin axis and
the disk axis. Although these works incorporated various ef-
fects such as stellar winds, stellar contraction, accretion and
magnetic star-disk interactions, the disk physics included
was highly idealized. In particular, these previous works as-
sumed a flat disk with homologous surface density evolution
(i.e. the disk density profile remains constant in shape but
decreases in magnitude during the disk evolution). More-
over, although these works aimed at explaining the mis-
alignment between the planet’s orbit and the spin of the
host star, the gravitational influence of a massive planet on
the dynamics of the star-disk-binary system was neglected.
In this paper we study how the non-homologous surface
density evolution of disks due to photoevaporation and the
formation/migration of a planet orbiting close to its host
star influence the generation of spin-orbit misalignments in
star-disk-binary systems. In a companion paper (Zanazzi &
Lai 2017b) we consider non-flat (warped) disks and exam-
ine the effect of viscous dissipation from disk warping on
the spin-disk misalignments. Our paper is organized as fol-
lows. Section 2 reviews the physics of stellar obliquity ex-
citation through star-disk-binary interactions. Section 3 in-
troduces a prescription parameterizing how photoevapora-
tion affects the disk’s surface density evolution, and stud-
ies how such evolution affects the inclination excitation in
star-disk-binary systems. Section 4 presents an overview of
how an inclined planet interacts with the disk, the central
oblate star, and the distant binary companion. Section 5 in-
vestigates how the formation/migration of a short-period,
massive planet affects the inclination evolution of star-disk-
binary systems. We discuss the theoretical uncertainties and
observational implications in Section 6, and provide a sum-
mary of our key results in Section 7.
2 SPIN-DISK MISALIGNMENT FROM
STAR-DISK-BINARY GRAVITATIONAL
INTERACTIONS
Previous works (Batygin & Adams 2013; Lai 2014; Spalding
& Batygin 2014) have shown that secular resonance can gen-
erate misalignment between the stellar spin and protoplan-
etary disk in star-disk-binary systems. In this section, we
set up the problem and review the main physics behind this
mechanism. We assume the disk is flat with orbital angular
momentum unit vector lˆd, justified in a companion paper
(Zanazzi & Lai 2017b). Our treatment follows Lai (2014)
(hereafter L14) based on the dynamics of angular momen-
tum vectors. For clarity, we display all quantities defined in
Sections 2-3 in Table 1.
2.1 Setup and Parameters
Consider a central star of mass M?, radius R?, rotation rate
Ω?, with a circumstellar disk of mass Md, and inner and
outer truncation radii of rin and rout, respectively. This star-
disk system is in orbit with a distant binary companion of
mass Mb and semimajor axis ab. We introduce the following
rescaled parameters typical of protostellar systems:
M¯? =
M?
1 M
, R¯? =
R?
2 R
, Ω¯? =
Ω?√
GM?/R3?
,
M¯d =
Md
0.01 M
, r¯in =
rin
8 R
, r¯out =
rout
50 au
,
M¯b =
Mb
1 M
, a¯b =
ab
300 au
. (1)
The cannonical value of Ω¯? is 0.1, corresponding to a stellar
rotation period of P? = 3.3 days. The other canonical values
in Eq. (1) are unity, except the disk mass, which can change
significantly during the disk lifetime.
In the simplest model, we parameterize the disk surface
density Σ = Σ(r, t) as
Σ(r, t) = Σout(t)
(rout
r
)p
. (2)
L14 used p = 1. We will introduce a more complex param-
eterization of Σ(r, t) in Section 3 to account for the effect
of photoevaporation. We choose p between 1 and 3/2. This
choice is motivated by various observations. In the outer re-
gions of disks around YSO’s (r & few au), p is constrained
to lie in between ∼ 0.5−1 (Williams & Cieza 2011). For the
inner regions (r . few au), direct observational constraints
are lacking. The Minimum Mass Solar Nebulae has p = 3/2
(Weidenschilling 1977), and the Minimum Mass Extra-Solar
Nebulae (assuming the planets discovered by Kepler formed
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Symbol Meaning Eq.
M? central star mass -
R? central star radius -
Ω? central star’s rotation rate -
P? central star’s rotation period -
Md disk mass (3)
rin disk inner truncation radius -
rout disk outer truncation radius -
Mb binary mass -
ab binary semi-major axis -
X¯ normalized quantity X (1)
Σ disk surface density -
Σout disk surface density at r = rout (2)
p power-law surface density index (2)
Ld disk total orbital angular momentum (4)
S stellar spin angular momentum (5)
k? stellar spin normalization (5)
kq stellar quadrupole moment normalization -
sˆ stellar spin unit vector -
lˆd disk orbital angular momentum unit vector -
ω˜ds precession rate of disk around star (7)
ω˜sd precession rate of star around disk (8)
ω˜db precession rate of disk around binary (10)
Md0 disk initial mass -
tv disk viscous timescale (16)
M¯d0 normalized disk initial mass -
θsd mutual star-disk inclination (17)
θsb mutual star-binary inclination (18)
θdb mutual disk-binary inclination (19)
rc critical photoevaporation radius -
tw critical photoevaporation time -
tv,out outer disk’s viscous time -
tv,in inner disk’s viscous time -
Σc disk surface density at r = rc -
ω˜sd> precession rate of star
around disk exterior to rc (25)
ω˜sd< precession rate of star
around disk interior to rc (26)
ω˜d>s precession rate of disk
interior to rc around star (27)
ω˜d<s precession rate of disk
exterior to rc around star (28)
Table 1. Definitions of relevant quantities in the star-disk-binary
system.
in-situ; Chiang & Laughlin 2013) have p ' 1.6. The main
effect of increasing p is to increase the amount of mass avail-
able to form a short-period gas-giant planet [see Eq. (63)],
and increase the mutual star-disk precession frequencies [see
Eqs. (7)-(8)]. We will always assume p < 2 when calculating
global disk properties (mass, angular momentum, precession
frequencies, etc.), the expressions for many of these quanti-
ties will differ when p ≥ 2 in the limit rin  rout.
The disk mass Md is then (assuming rin  rout)
Md =
∫ rout
rin
2piΣrdr ' 2piΣoutr
2
out
2− p . (3)
The disk angular momentum vector is Ld = Ld lˆd, and the
stellar spin angular momentum vector is S = Ssˆ, where lˆd
and sˆ are unit vectors, and
Ld =
∫ rout
rin
2piΣr3Ωdr ' 2− p
5/2− pMd
√
GM?rout, (4)
S = k?M?R
2
?Ω?, (5)
with Ω(r) '√GM?/r3 and k? ' 0.2.
2.2 Gravitational Torques
The stellar rotation leads to a difference in the principal
components of the star’s moment of inertia of I3 − I1 =
kqM?R
2
?Ω¯
2
?, where kq ' 0.1 for fully convective stars (Lai,
Rasio & Shapiro 1993). The gravitational torque on the disk
from the star is1
T˜ds = −
∫ rout
rin
3G(I3 − I1)
2r3
(lˆd·sˆ)(sˆ×lˆd)2piΣr3Ωdr
= −Ldω˜ds(lˆd·sˆ)sˆ×lˆd, (6)
where (assuming rin  rout)
ω˜ds ' 3(5/2− p)kq
2(1 + p)
R2?Ω¯
2
?
r1−pout r
1+p
in
√
GM?
r3out
(7)
characterizes the precession frequency of the disk around the
star. The back-reaction torque on the star from the disk is
T˜sd = −T˜ds, and causes the star to precess around the disk
at a characteristic frequency
ω˜sd = (Ld/S)ω˜ds
' 3(2− p)kq
2(1 + p)k?
(
Md
M?
)
Ω¯?
√
GM?R3?
r2−pout r
1+p
in
. (8)
The torque on the disk from the inclined binary com-
panion is (assuming rout  ab)
T˜db ' −
∫ rout
rin
(
3GMbr
2
4a3b
)
(lˆd·lˆb)(lˆb×lˆd)2piΣr3Ωdr
= −Ldω˜db(lˆd·lˆb)lˆb×lˆd, (9)
where
ω˜db ' 3(5/2− p)
4(4− p)
(
Mb
M?
)(
rout
ab
)3√
GM?
r3out
(10)
characterizes the precession frequency of the disk around the
binary.
Taking p = 1, the precession frequencies (7), (8),
and (10) evaluate to
ω˜ds = 2.0× 10−7
(
kq
0.1
)
R¯2?M¯
1/2
?
r¯2inr¯
3/2
out
(
Ω¯?
0.1
)2(
2pi
yr
)
, (11)
ω˜db = 4.9× 10−6 M¯br¯
3/2
out
M¯
1/2
? a¯3b
(
2pi
yr
)
, (12)
ω˜sd = 4.9× 10−5
(
2kq
k?
)
M¯d
M¯
1/2
? R¯
1/2
? r¯2inr¯out
(
Ω¯?
0.1
)(
2pi
yr
)
.
(13)
2.3 System Evolution and Secular Resonance
The time evolution of the star-disk-binary system is given
by
dsˆ
dt
= −ω˜sd(sˆ·lˆd)lˆd×sˆ, (14)
1 Throughout this paper, quantities with a tilde (˜ ) imply an
average or integration over the disk
c© 0000 RAS, MNRAS 000, 000–000
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Figure 1. Sample evolution of the star-disk-binary system. The
top and middle panels plot the evolution of the star-disk incli-
nation θsd [Eq. (17)] and star-binary inclination θsb [Eq. (18)].
We take the initial disk-binary inclination θdb to be θdb(0) = 10
◦
(top panel) and θdb(0) = 60
◦ (middle panel) with θsd(0) = 5◦
for both panels. The bottom panel plots the time evolution of
the precession rates ω˜sd [Eq. (8)] and ω˜db [Eq. (10)]. We take all
parameter values to be canonical [Eq. (1)].
dlˆd
dt
= −ω˜ds(lˆd·sˆ)sˆ×lˆd − ω˜db(lˆd·lˆb)lˆb×lˆd. (15)
As in Batygin & Adams (2013) and Lai (2014), we assume
the disk mass evolves according to
Md =
Md0
1 + t/tv
. (16)
10−1 100 101
r (au)
10−5
10−4
10−3
10−2
10−1
100
Σ
(r
,t
)/
Σ
(r
in
,0
)
t = 0 Myr
t = 2 Myr
t = 5 Myrt = 10 Myr
Figure 2. Evolution of the disk surface density Σ(r, t), given
by Eq. (20). We take the disk’s outer viscous timescale to be
tv = 0.5 Myr, the time when the disk’s photo-ionization rate is
comparable to viscous depletion rate tw = 2 Myr, the disk’s inner
viscous time tv,in = 0.02 Myr, and the critical radius separating
the inner and outer regions of the disk rc = 2 au.
For our canonical parameters, we choose Md0 = 0.1M and
tv = 0.5 Myr. We define M¯d0 = Md0/0.1 M.
Figure 1 shows an example of the star-disk-binary sys-
tem evolution. We define the angles
θsd = cos
−1(sˆ·lˆd), (17)
θsb = cos
−1(sˆ·lˆb), (18)
θdb = cos
−1(lˆd·lˆb). (19)
The angles θsd, θsb, and θdb denote the mutual star-disk,
star-binary, and disk-binary inclinations, respectively. We
take sˆ, lˆ, and lˆb to initially all lie in the same plane, with
θsd(0) = 5
◦ and two different values of θdb(0). We choose
our initial value of θsd to be θsd(0)  1. The dynamics of
the star-disk-binary system remain qualitatively unchanged
as long as θsd(0) is much smaller than unity (Spalding &
Batygin 2014).
When ω˜db  ω˜sd early in the disk’s lifetime, sˆ adiabat-
ically tracks lˆd, and θsd ∼ constant. When ω˜db  ω˜sd later
in the disk’s lifetime, sˆ tracks lˆb with θsb ∼ constant. A sec-
ular resonance occurs when ω˜db ∼ ω˜sd, and large θsd can be
generated due to the change in the dynamical behavior of
the stellar spin axis (see L14 for discussion). This resonant
excitation of θsd is prominent when Ld & S at the resonance
crossing.
3 NON-HOMOLOGOUS SURFACE DENSITY
EVOLUTION: PHOTOEVAPORATION
Section 2 assumes (as in previous works) the disk surface
density evolves homologously, maintaining the power-law
r−p profile while decreasing in the overall magnitude. Real-
istic protostellar disks do not evolve in such a homologeous
way. This section explores an alternate prescription for the
surface density evolution that captures the essential physics
of photoevaporation (e.g. Clarke et al. 2001; Alexander et
al. 2014).
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Figure 3. Same as Fig. 1, except the disk surface density Σ(r, t)
evolves according to the prescription (20), with values of tw as
indicated. The bottom panel shows the disk-binary precession
rate ω˜db [Eq. (10)] and the star-disk precession rate ω˜sd [Eq. (23)],
with tw = 8 Myr (solid), and tw = 2 Myr (dashed). We take
rc = 2 AU, tv = 0.5 Myr, tv,in = 0.02 Myr. All other parameters
canonical, with the initial star-disk inclination θsd(0) = 5
◦ and
disk-binary inclination θdb(0) = 10
◦.
As described in Clarke et al. (2001), the combined in-
fluence of photoevaporation and viscous accretion dramati-
cally influence the surface density evolution of disks around
T-Tauri stars (see Alexander et al. 2014; Owen 2016 for re-
cent reviews). The surface density Σ has distinct behaviors
before and after the characteristic time tw, when the vis-
cous accretion rate and photo-evaporative mass loss rate
become comparable at the critical photoevaporation radius
rc ∼ a few au (the maximal radius where photoionized gas
remains bound to the central star; Hollenbach et al. 1994;
Alexander, Clarke & Pringle 2006). Before tw, viscous accre-
tion drives the disk’s mass depletion, and the surface den-
sity evolves over the outer disk’s viscous time tv,out = tv.
After tw, Σ at r > rc continues to evolve viscously over the
timescale tv,out = tv [see Eq. (16)]; interior to rc, photoe-
vaporation starves the inner disk from resupply by the outer
disk’s viscous evolution, and the inner disk is drained over
the inner disk’s viscous time tv,in  tv,out.
To capture the main effect of photoevaporation, we pa-
rameterize the disk’s surface density evolution as
Σ(r, t) =
{
Σc(t)(rc/r)
p rin ≤ r ≤ rc
Σout(t)(rout/r)
p rc < r ≤ rout , (20)
where Σout(t) = Σout(0)/(1 + t/tv) [see Eq. (16)], while
Σc(t) =
{
Σc(0)(1 + t/tv)
−1 t ≤ tw
Σc(tw)[1 + (t− tw)/tv,in]−1 t > tw , (21)
and
Σc(0) = Σout(0)(rc/rout)
p. (22)
Figure 2 shows a sample evolution of Σ(r, t). Our prescrip-
tion of Σ(r, t) introduces three new parameters: tw (when the
inner disk begins to be rapidly depleted), tv,in (the timescale
over which the inner disk is depleted), and rc (the critical
radius separating the inner and outer disks). Observations
constrain tw ∼ 106 − 107 years, tv,in ∼ 102 − 105 years, and
rc ∼ few×au (Alexander et al. 2014; Owen 2016). We choose
rc = 2 au throughout this paper, varying tw and tv,in for dif-
ferent disk models.
To model the dynamics of the star-disk-binary system,
we neglect any misalignments which may develop between
the inner and outer disk planes, since the gravitational in-
fluence of the inner disk quickly becomes irrelevant to the
dynamics of the star-disk-binary system. Coplanarity be-
tween these two disk planes is maintained via bending waves
(Papaloizou & Lin 1995; Lubow & Ogilvie 2000; Zanazzi &
Lai 2017b) and disk self-gravity (Batygin 2012; Batygin &
Adams 2013; Zanazzi & Lai 2017a).
The modified surface density evolution alters the mu-
tual star-disk precession frequencies:
ω˜sd = ω˜sd< + ω˜sd>, (23)
ω˜ds = ω˜d<s + ω˜d>s. (24)
Here, d < (d >) denotes the disk interior (exterior) to rc. In
terms of model parameters, the frequencies in Eqs. (23)-(24)
evaluate to be (assuming rin  rc  rout)
ω˜sd> ' 3kq
(1 + p)k?
Ω¯?
(
piΣoutr
2
out
M?
) √
GM?R3?
r1+pc r
2−p
out
, (25)
ω˜sd< ' 3kq
(1 + p)k?
Ω¯?
(
piΣcr
2
c
M?
) √
GM?R3?
r1+pin r
2−p
c
, (26)
ω˜d>s ' 3(5/2− p)kq
2(1 + p)
Ω¯2?
R2?
r1+pc r
1−p
out
√
GM?
r3out
, (27)
ω˜d<s ' 3(5/2− p)kq
2(1 + p)
Ω¯2?
Σcr
p
cR
2
?
Σoutr
1+p
in rout
√
GM?
r3out
. (28)
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The disk-binary precession frequency [ω˜db, Eq. (10)] is un-
changed (assuming rc  rout). The frequency ω˜sd> (ω˜sd<)
denotes the precession frequency of the star around the disk
exterior (interior) to rc, while ω˜d>s (ω˜d<s) denotes the pre-
cession frequency of the disk exterior (interior) to rc around
the star.
Figure 3 shows examples of the star-disk-binary evolu-
tion under the Σ(r, t) prescription (20), for two values of tw.
We see that the main effect of photoevaporation is a po-
tential change in resonance crossing time. If the resonance
(ω˜sd ∼ ω˜db) occurs before tw, the excitation of θsd is more
or less unaffected. If the resonance occurs after tw, the rapid
depletion of the inner disk causes ω˜sd to rapidly approach
zero over the time tv,in, and ω˜sd ∼ ω˜db at t ≈ tw + tv,in.
The resuting θsd excitation is smaller because the resonance
crossing is fast. In either case, after tw, the spin-binary mis-
alignment angle θsb freezes to a constant value because of
the greatly diminished inner disk mass.
4 PLANET-STAR-DISK-BINARY
INTERACTIONS
We now add a planet in our star-disk-binary sytem. This
section examines how the planet interacts with the pro-
toplanetary disk, the host star, and the inclined binary.
We take the planet to lie on a circular orbit, with mass
Mp, semi-major axis ap, and orbital angular momentum
Lp = Mp
√
GM?ap lˆp. For clarity, we display all quantities
defined in Sections 4-5 in Table 2.
4.1 Planet-Disk Interactions: Non-Gap Opening
Planets
When the planet has a mass insufficient to open a gap in
the disk, the gravitational torque on the planet from the
disk causes lˆp to precess around lˆd at a rate (Ward 1981;
Hahn 2003)
ω˜pd, no gap ' piΣ(ap, t)a
2
p
M?h(ap)
√
GM?
a3p
(29)
where Σ(ap, t) is the disk surface density at r = ap, and
h(ap) is the disk aspect ratio h = H/r (H is the disk scale-
height) evaluated at r = ap. Equation (29) was derived as-
suming |lˆp×lˆd|  h(ap)  1, using a disk potential with
softening length H.
In addition to the direct gravitational torque, when lˆp
is misaligned with lˆd, the planet drives bending waves which
propagate through the disk, working to cause lˆp to precess
and align with lˆd on a characteristic timescale (Tanaka &
Ward 2004; Cresswell et al. 2007; Kley & Nelson 2012)
tbw =
M?
Σ(ap, t)a2p
(
M?
Mp
)
h4(ap)
√
a3p
GM?
. (30)
Since
tbwω˜pd, no gap = 1.05×103
(
Mp
1 M⊕
)−1
M¯?
(
h(ap)
0.1
)3
, (31)
we expect lˆp to precess around lˆd mainly due to the gravi-
tational torque, with the bending waves aligning lˆp with lˆd
over a longer time-scale.
Symbol Meaning Eq.
Mp planet mass -
ap planet semi-major axis -
lˆp planet orbital angular momentum unit vector -
h disk aspect ratio -
∆p gap width -
Σ¯ average disk surface density at gap edges -
hp maximum of h(ap) and ∆p/ap -
ω˜pd precession rate of planet around disk (34)
ω˜db precession rate of disk around planet (35)
Λmig Migration rate free parameter (39)
tmig type II migration timescale (39)
ω˜pd< precession rate of planet
around disk interior to rc (40)
ω˜pd> precession rate of planet
around disk exterior to rc (42)
ω˜d<p precession rate of disk
interior to rc around planet (44)
ω˜d>p precession rate of disk
exterior to rc around planet (43)
ωps precession rate of planet around star (48)
ωsp precession rate of star around planet (49)
ωpb precession rate of planet around binary (51)
ξ feeding zone free parameter (62)
θps mutual planet-star inclination (58)
θpd mutual planet-disk inclination (59)
θpb mutual planet-binary inclination (60)
ω˜′sd modified precession frequency
of star around disk (67)
ω˜′ds modified precession frequency
of disk around star (68)
ω˜′db modified precession frequency
of disk around binary (69)
Table 2. Definitions of quantities related to planet interactions
with the star-disk-binary system.
The planet also drives density waves in the disk, leading
to its radial migration (Goldreich & Tremaine 1979; Tanaka,
Takeuchi, & Ward 2002; Kley & Nelson 2012). The charac-
teristic migration time is
tmig, no gap =
tbw
h2(ap)
=
M?
Σ(ap, t)a2p
(
M?
Mp
)
h2(ap)
√
a3p
GM?
. (32)
The migration rate depends on the detailed local proper-
ties of the disk, such as if the disk lies in a dead zone (e.g.
McNally et al. 2017), the local temperature gradient (e.g.
Jime´nez & Masset 2017), and the disk’s thermal diffusivity
and planet’s accretion rate (Ben´ıtez-Llambay et al. 2015;
Masset & Velasco Romero 2017; Masset 2017). These effects
may drive ap to increase or decrease with time. Because the
planet becomes dynamically important only when its mass
becomes sufficiently large to open a gap, we will neglect its
orbital evolution, and fix ap in time before a gap is opened.
4.2 Planet-Disk Interactions: Gap Opening
Planets
When the planet has sufficient mass Mp & 40M?αh2(ap)
(e.g. Lin & Papaloizou 1993), it can open a gap in the disk,
with a width ∆p = ξap(Mp/3M?)
1/3 (ξ is a free param-
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eter). The disk surface density around the gap is clearly
complex. In our calculation, we adopt the simple prescrip-
tion that Σ(r, t) ' 0 for |r − ap| < ∆p/2, and Σ(r, t) obeys
Eqs. (2) or (20) otherwise. The mutual planet-disk interac-
tions are modified from the non-gap opening planet case.
When the planet opens a gap, because we expect the disk
gravitational potential Φd to not exceed 2piGΣ¯(ap, t)a
2
p/∆p,
where Σ¯(ap, t) =
1
2
[Σ(ap − ∆p/2, t) + Σ(ap + ∆/2, t)], we
may replace the softening length in the disk potential Φd
by ∆p. The characteristic precession frequency of the planet
around the disk is then modified to become [cf. Eq. (29)]
ω˜pd, gap ' piΣ¯(ap, t)a
3
p
M?∆p
√
GM?
a3p
. (33)
From now on, we define
ω˜pd =
piΣ¯(ap, t)a
2
p
M?hp
√
GM?
a3p
, (34)
where hp = max[h(ap),∆p/ap]. The planet exerts a back-
reaction torque on the disk, causing lˆd to precess around lˆp
at a characteristic rate
ω˜dp = (Lp/Ld)ω˜pd
' 5/2− p
2hp
(
ap
rout
)1−p(
Mp
M?
)√
GM?
r3out
. (35)
Because bending waves propagate through the disk as a
result of resonant Lindblad and co-rotational torques, a gap
∆p lengthens tbw to be [c.f. Eq. (31)]
tbw = Λgap
M?
Σ¯(ap)a2p
(
M?
Mp
)
h4(ap)
√
a3p
GM?
. (36)
The numerical value of Λgap must be obtained via hydro-
dynamical simulations to account for non-linear effects. No
simulations have carefully calculated Λgap as a function of
the planet’s parameters and local disk properties, but sim-
ulations suggest Λgap  1 (e.g. Xiang-Gruess & Papaloizou
2013; Bitsch et al. 2013; Chametla et al. 2017). Comparing
ω˜pd to tbw,
ω˜pd, gaptbw = 3.29× 102
(
Λgap
100
)(
Mp
1 MJ
)−1
× M¯?
(
h(ap)
0.1
)4(
∆p/ap
0.1
)−1
. (37)
From this, we see a gap-opening planet should interact with
a disk mainly through gravitational torques.
When a planet opens a gap in the disk, ap evolves
due to the disk’s viscous evolution (Type II migration). If
Mp . 2piΣ¯(ap)a2p, the planet follows the viscous evolution
of the disk, and ap decreases over the disk’s viscous time
tv (Lin & Papaloizou 1985; Lin, Bodenheimer & Richard-
son 1996; Kley & Nelson 2012). When Mp & 2piΣ¯(ap)a2p,
the planet’s gravitational torque balances the disk’s viscous
torque, and migrates inward over a timescale longer than
tv (Lin & Papaloizou 1985; Ida & Lin 2004; Kley & Nel-
son 2012). Motivated by simulations of gap-opening plan-
ets migrating through viscous disks (e.g. Duffell et al. 2014;
Du¨rmann & Kley 2015), we assume ap evolves in time ac-
cording to
dap
dt
= − ap
tmig
, (38)
where
tmig = Λmig max
(
1,
Mp
2piΣ¯(ap)a2p
)
tv, (39)
and Λmig ∼ 1 is a factor parameterizing the uncertainty in
tmig. When Mp < 2piΣ¯(ap, t)a
2
p, a smaller (larger) Λmig value
corresponds to a migration timescale tmig shorter (longer)
than the disk’s viscous timescale tv, parameterizing the ef-
fects seen in Duffell et al. (2014).
For photo-ionized disks (Sec. 3), Eq. (38) applies to
planets in the outer disk (r > rc). We neglect the migra-
tion of planets in the inner depleted disk (r < rc).
4.3 Planet Interactions with Outer Disk
As discussed in Section 3, photoevaporation may deplete the
inner disk (r < rc) on a very short timescale. If the planet’s
semi-major axis ap lies inside rc, the mutual gravitational
torques between the planet and the disk are modified. As
noted in Section 3, we neglect any misalignment between the
inner (r < rc) and outer (r > rc) disks, since the timescale
over which the inner disk is depleted is much shorter than
the age of the system. The precession rate of lˆp around lˆd
due to the mass of the inner disk,
ω˜pd< ' piΣ¯(ap, t)a
2
p
M?hp
√
GM?
a3p
, (40)
is diminished due to the inner disk’s rapid depletion from
photoevaporation (see Sec. 3). Instead, the precession of lˆp
around lˆd is mainly governed by the torque on the planet
from the outer disk (r > rc):
T˜pd> ' −
∫ rout
rc
(
3GMpa
2
p
4r3
)
(lˆp·lˆd)(lˆd×lˆp)2piΣrdr
= −Lpω˜pd>(lˆp·lˆd)lˆd×lˆp, (41)
where
ω˜pd> ' 3piGΣ(rc, t)
2(1 + p)rc
√
a3p
GM?
(42)
characterizes the precession frequency of the planet around
the outer disk (assuming ap  rc  rout).
The planet also exerts a back-reaction torque on the
disk, causing the outer/inner disk to precess around the
planet at the characteristic rates
ω˜d>p ' 3(5/2− p)
4(1 + p)
(
Mp
M?
)
a2p
r1+pc r
1−p
out
√
GM?
r3out
, (43)
ω˜d<p ' 5/2− p
2∆p/ap
(
Σcr
p
ca
1−p
p
Σoutrout
)(
Mp
M?
)√
GM?
r3out
. (44)
[Compare the scaling of Eq. (43) to (7), and (44) to (35)]
The total planet-disk mutual precession rates are then
ω˜pd = ω˜pd> + ω˜pd<, (45)
ω˜dp = ω˜d>p + ω˜d<p. (46)
4.4 Planet-Star and Planet-Binary Interactions
The oblate central star exerts a torque on the planet, given
by
Tps = −Lpωps(lˆp·sˆ)sˆ×lˆp, (47)
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Figure 4. Ratio of the precession frequency of the planet driven
by the disk ω˜pd [Eq. (34)] to the precession frequency of the
planet driven by the star ωps [Eq. (48)] and binary ωpb [Eq. (51)]
for different planetary semi-major axis ap, with p = 3/2 and all
other parameters canonical. This plot shows the planet is tightly
coupled to the disk, so we may approximate lˆp ' lˆd. We assume
hp = 0.1.
where
ωps =
3kq
2
Ω¯2?
(
R?
ap
)2√
GM?
a3p
(48)
characterizes the precession frequency of lˆp around sˆ. The
back-reaction torque on the star from the planet causes sˆ to
precess around lˆp at a characteristic rate
ωsp = (Lp/S)ωps
=
3kq
2k?
Ω¯?
(
Mp
M?
) √
GM?R3?
a3p
. (49)
The binary companion also exerts torque on the planet:
Tpb = −Lpωpb(lˆp·lˆb)lˆb×lˆp, (50)
where
ωpb =
3Mb
4M?
(
ap
ab
)3√
GM?
a3p
(51)
characterizes the precession frequency of lˆp around lˆb. Be-
cause the binary has orbital angular momentum Lb  Lp,
the back reaction torque on the binary from the planet is
neglected.
As discussed in Sections 4.1-4.3, the dominant planet-
disk coupling involves mutual precession, with characteristic
frequency ω˜pd. For homologeously evolving disks, comparing
ω˜pd [Eq. (34)] to ωps and ωpb, we see (assuming p = 3/2)
ω˜pd
ωps
= 7.27
(
kq
0.1
)−1(
hp
0.1
)−1
M¯d
M¯?
×
(
Ω¯?
0.1
)−2
r¯
5/2
in
r¯
1/2
out R¯
2
?
(
ap
rin
)5/2
, (52)
ω˜pd
ωpb
= 7.20
(
hp
0.1
)−1
M¯da¯
3
b
M¯br¯3out
(
rout
ap
)5/2
, (53)
where we have used Eqs. (2) and (3) to relate Σ¯(ap, t) to Md.
Figure 4 plots the ratios (52) and (53) for a standard disk
model. We see for most values of ap (with ap & a few rin
and ap  rout), ω˜pd  ωps, ωpb over the disk’s lifetime. This
allows us to make the simplifying assumption lˆp(t) ' lˆd(t)
when Σ evolves homologously. We note that in certain situa-
tions, a secular resonance between a planet, disk, and binary
may greatly increase the planet-disk inclination (Lubow &
Martin 2016; Martin et al. 2016), breaking the assumption
that lˆp ' lˆd.
When the planet lies in the inner region (ap < rc) of a
photo-ionized disk, we have (assuming p = 3/2)
ω˜pd>
ωps
= 2.1× 10−5
(
kq
0.1
)−1(
Ω¯?
0.1
)−2(
rout
25 rc
)5/2
× r¯
5
inM¯d
R¯2?r¯3outM¯?
(
ap
rin
)5
, (54)
ω˜pd>
ωpb
= 1.3× 103 M¯da¯
3
b
M¯br¯3out
(
rout
25 rc
)5/2
. (55)
Clearly, the planet-outer disk precession frequency greatly
exceeds the planet-binary precession frequency when ap <
rc. However, the ratio ω˜pd>/ωps depends depends sensitively
on the distance of the planet from the star. The planet’s full
response to the star, disk and binary will need to be taken
into account when the inner disk is depleted.
The star’s response to the planet is important in the
context of planet-star-disk-binary dynamics. Comparing ωsp
[Eq. (49)] to ω˜sd [Eq. (8)], we have (assuming p = 3/2)
ωsp
ω˜sd
= 3.5
(
Mp
1 MJ
)
r¯
1/2
out
M¯dr¯
1/2
in
(
rin
ap
)3
. (56)
Equation (56) shows ωsp & ω˜sd near the end of the disk’s
lifetime (M¯d  1), when the planet lies close to the disk’s
inner truncation radius. More interesting is the magnitude
of ωsp compared to ω˜db [Eq. (10)] (assuming p = 3/2):
ωsp
ω˜db
= 333
(
2kq
k?
)(
Ω¯?
0.1
)(
Mp
1 MJ
)
a¯3bR
3/2
?
M¯br¯3inr¯
3/2
out
(
rin
ap
)3
.
(57)
Equation (57) shows for a substantial region of parameter
space, ωsp & ω˜db. This implies that a close-in massive planet
can suppress secular resonance. The next section explores
different formation scenarios of close-in massive planets (hot
Jupiters), and their implications to spin-orbit misalignments
generated via star-disk-binary interactions.
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5 INCLINATION EVOLUTION OF
PLANET-STAR-DISK-BINARY SYSTEMS
This section explores how the formation and migration of
a gas giant in protoplanetary disks affects the generation
of primordial spin-orbit misalignments through star-disk-
binary interactions. The core-accretion scenario assumes a
gas giant forms following the run-away accretion of proto-
planetary disk gas onto a ∼ 10 M⊕ core (e.g. Pollack et al.
1996). After the formation of the massive planet, we con-
sider three different models for its evolution through the
disk. The first assumes the planet forms in-situ, with the
planet’s semi-major axis ap fixed in time (Secs. 5.1-5.2), the
second models the formation of a hot Jupiter via Type II
migration (Sec. 5.3), while the last considers the system’s
dynamics after the hot Jupiter is left in a photo-ionized disk
cavity (Sec. 5.4).
We will frequently refer to the angles θps, θpd, and θpb
throughout this section, defined as
θps = cos
−1(lˆp·sˆ), (58)
θpd = cos
−1(lˆp·lˆd), (59)
θpb = cos
−1(lˆp·lˆb), (60)
which define the mutual planet-star, planet-disk, and planet-
binary inclinations, respectively.
5.1 Early In-Situ Formation of Hot-Jupiters
Batygin, Bodenheimer & Laughlin (2016) proposed Hot-
Jupiters form in-situ in their protoplanetary disks over
timescales shorter than 1 million years. They argued that
a 10 M⊕ core with ap . 0.1 au may undergo run-away ac-
cretion early in the disk’s lifetime. This scenario may explain
why hot Jupiters do not have close, low-mass planetary com-
panions (Batygin, Bodenheimer & Laughlin 2016; Spalding
& Batygin 2017). Here we explore how in-situ formation af-
fects the star-disk-binary system dynamics.
For early formation of a gas giant, we assume the
planet’s mass is accreted from the disk within the planet’s
feeding zone. Specifically, we take the time-dependent plan-
etary mass to be
Mp(t) =
{
2piΣ(ap, t)ap∆ap, t < tp
2piΣ(ap, tp)ap∆ap t ≥ tp (61)
where tp is the formation time,
∆ap = ξap(Mp/3M?)
1/3 (62)
is the width of the planet’s feeding zone, and ξ is a free
parameter. This yields a final (t ≥ tp) planetary mass of
Mp
M?
=
ξ3/2
31/2
[
2piΣ(ap, tp)a
2
p
M?
]3/2
. (63)
This model neglects accretion of gas onto the planet due
to the viscous transport of disk material across the planet’s
gap. This is a reasonable approximation, since simulations
show the accretion rate onto a planet undergoing run-away
gas accretion is typically much greater than the global ac-
cretion rate of the disk onto the host star (e.g. Papaloizou &
Nelson 2005; D’Angelo & Lubow 2008; Ayliffe & Bate 2009;
Tanigawa & Tanaka 2016)
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Figure 5. Evolution of the star-disk/star-planet angle θsd = θsp
(top panel), modified star-disk precession frequency ω˜′sd [Eq. (67)]
and modified disk-binary precession frequency ω˜′db [Eq. (69)]
(bottom panel) for planetary semi-major axis of ap = 2 rin =
0.0736 au (thick lines) and ap = 7 rin = 0.258 au (thin lines). We
take all parameters to be canonical except Ω¯? = 0.03, p = 3/2,
tv = 0.1 Myr, with tp = 0.3 Myr and ξ = 10. Here, the planet’s
mass Mp = 0.201 MJ when ap = 2 rin and Mp = 0.514 MJ when
ap = 7rin. We take the initial star-disk inclination θsd(0) = 5
◦
and disk-binary inclination θdb(0) = 60
◦ for all integrations. The
hot Jupiter formed in-situ (thick lines) does not experience ap-
preciable excitations of spin-orbit misalignment.
Equation (63) with p = 3/2 gives a final planetary mass
for a hot Jupiter formed in-situ of
Mp
M?
=
1.93× 10−3
(1 + tp/tv)3/2
(
ξ
10
)3/2 M¯3/2d0
M¯?
3/2
r¯
3/4
out
( ap
0.1 au
)3/4
.
(64)
Even with a large feeding zone (ξ = 10), we see that the hot
Jupiter must form at a time tp . few× tv ∼ 1 Myr to attain
mass Mp ∼ 1 MJ.
We assume in this subsection that lˆp(t) ' lˆd(t), since
ω˜pd  ωps, ωpb when the planet is embedded in the disk (see
Fig. 4). The evolution equations for sˆ and lˆd = lˆp become
dsˆ
dt
= −ω˜′sd(sˆ·lˆd)lˆd×sˆ, (65)
dlˆd
dt
= −ω˜′ds(lˆd·sˆ)sˆ×lˆd − ω˜′db(lˆd·lˆb)lˆb×lˆd, (66)
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where
ω˜′sd = ω˜sd + ωsp, (67)
ω˜′ds = ω˜ds + (Lp/Ld)ωps, (68)
ω˜′db = ω˜db + (Lp/Ld)ωpb, (69)
are the mutual star-disk-binary precession frequencies mod-
ified by the presence of a massive planet.
Figure 5 shows the evolution of θsd = θsp (top panel)
and precession frequencies ω˜′sd and ω˜
′
db (bottom panel).
We see when the planet forms too close to its host star
(ap = 2 rin), ω˜
′
sd is always larger than ω˜
′
db thoughout the disk
evolution, the system averts secular resonance, and no signif-
icant spin-orbit misalignment is generated. In other words,
a close-in giant planet makes sˆ closely follow lˆd ' lˆp. When
the planet forms further from it’s host star (ap = 7 rin), ωsp
is reduced, and the system goes through secular resonance,
and significant θsp is achieved. The star-planet-disk-binary
system may undergo secular resonance when the planet
forms at a sufficiently large ap, so that ωsp . ω˜db. This
inequality gives a lower bound for ap:
ap &
[
2(4− p)kq
(5/2− p)k?
]1/3
Ω¯1/3?
(
Mp
Mb
)1/3(
R?
rout
)1/2
ab. (70)
Taking p = 3/2, we have
ap & 0.23
(
2kq
k?
)1/3(
Ω¯?
0.1
)1/3(
Mp
1 MJ
)1/3
R¯
1/2
? a¯b
M¯
1/3
b r¯
1/2
out
au.
(71)
Thus, only giant planets formed at large distances (ap &
0.2 au) have any chance of experiencing excitation of
spin-orbit misalignment from star-disk-binary interactions.
Lower mass planets (Mp . 0.1 MJ) formed around slowly-
spinning stars (Ω¯? . 0.03) with close binary companions
(ab . 200 au) may experience excitation of spin-orbit mis-
alignments when ap & 0.04 au, but this is a very limited
region of the parameter space of observed star-disk-binary
systems. We conclude significant θsp is unlikely to be excited
when a HJ forms in-situ early (tp . 1 Myr).
5.2 Late In-Situ Formation of Hot-Jupiters
Boley, Granados Contreras & Gladman (2016) proposed
that a ∼ 10 M⊕ core may form at orbital periods . 10 days
after a phase of dynamical instability in a short-period
(. 200 days) multi-planet system. If this critical core forms
late in the disk’s lifetime (tp & 1 Myr), the planet cannot
accrete much of the disk’s mass locally [Eq. (64)]. There-
fore, we assume a hot Jupiter formed late (tp & 1 Myr) in
the disk’s lifetime grows primarily from disk mass advected
through the planets gap. Simulations show the accretion rate
of viscously advected disk-mass onto a gap-opening planet
may be written as
dMp
dt
= −ηdMd
dt
, (72)
where η ∼ 0.7 − 0.9 depending on the planet’s mass and
local disk properties (e.g. Lubow & D’Angelo 2006). The
accretion rate (72) will cause the planet’s mass Mp to grow
on a timescale
tgrow ≡ Mp
dMp/dt
∼ tv
η
(
Mp
Md
)
= 2.15 kyr
(
tv
0.5 Myr
)(
0.7
η
)(
Mp
10 M⊕
)
M¯−1d . (73)
Because in this model the planet’s mass is accreted glob-
ally from the disk, we assume that Mp remains independent
of the local disk properties (most notably the disk surface
density near r = ap), and prescribe Mp = Mp(t) as
Mp(t) = min
[
10 M⊕ exp
(
t− tp
tgrow
)
, 1 MJ
]
. (74)
Notice our early in-situ formation model for hot Jupiters
[Eq. (63)] fixes ωsp = constant when t ≥ tp, while our late
in-situ formation model [Eq. (74)] causes ωsp to grow until
Mp = 1 MJ.
Because the late in-situ formation of a hot Jupiter
causes an increase of ω˜′sd after formation, we expect the sys-
tem to encounter a second secular resonance (when ωsp ∼
ω˜db) if the system undergoes an initial secular resonance
(when ω˜sd ∼ ω˜db) before the planet forms. The timescale of
this second resonance crossing is of order tgrow. If tgrow is
sufficiently long compared to (ω˜db)
−1, a large amount of an-
gular momentum may be exchanged throughout the planet-
star-disk-binary system during the resonance crossing, sig-
nificantly influencing the final star-planet/disk inclinations
θsp = θsd. If tgrow is comparable or shorter than (ω˜db)
−1,
the system cannot exchange much angular momentum dur-
ing its period of secular resonance, effectively freezing the
star-planet/disk inclination at the time the planet forms
(θsp(t) ≈ θsp(tp) when t ≥ tp). We introduce the adiabatic-
ity parameter
A = tgrowω˜db. (75)
When A  1, we expect a large amount of angular mo-
mentum to be exchanged between the stellar spin and the
planet/disk orbital angular momenta.
Figure 6 shows the evolution of θsp = θsd (top and
bottom left panels) and precession frequencies ω˜′sd and ω˜
′
db
(bottom right panel) using our late in-situ hot Jupiter for-
mation model, with tgrow indicated. In the top two panels,
A . a few, so the system’s second secular resonance does
not allow a significant amount of angular momentum to be
transferred from the stellar spin to the planet/disk angu-
lar momenta. As a result, the star-planet/disk inclinations
freeze to θsp ≈ 60◦ (top left) and θsp ≈ 120◦ (top right) af-
ter the planet forms (tp = 4 Myr). In the bottom left panel,
A = 31.2  1, so the star-planet/disk inclination settles
down to θsp ≈ 10◦ after the second resonance crossing.
5.3 Formation of Hot-Jupiters through Type-II
Migration
We now consider the scenario where the giant planet forms
at a large semi-major axis and subsequently undergoes
Type-II migration. The planet forms with a mass Mp given
by Eq. (61), where ap is fixed when t ≤ tp, afterwards it mi-
grates inwards according to Eqs. (38) and (39). For p = 1,
Eq. (63) gives
Mp
M?
=
1.63× 10−3
(1 + tp/tv)3/2
(
ξ
4
)3/2 M¯3/2d0
M¯
3/2
? r¯
3/2
out
(
ap(tp)
5 au
)3/2
.
(76)
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Figure 6. Evolution of the star-planet/star-disk inclination θsp = θsd in the late in-situ model, for different planet mass growth
timescale tgrow [Eq. (73)] as indicated (top and bottom left panels). The bottom right panel shows the modified star-disk precession
frequency ω˜′sd [Eq. (67)] and modified disk-binary precession frequency ω˜
′
db [Eq. (69)] for tgrow = 3 kyr (solid), tgrow = 30 kyr (dashed),
and tgrow = 300 kyr (dotted). All parameter values are canonical [Eq. (1)] except the binary’s semi-major axis ab = 200 au. The planet
has a semi-major axis of ap = 2 rin = 0.0736 au, and forms at time tp = 4 Myr. The adiabatic parameter A [Eq. (75)] takes values of
A = 0.312 (tgrow = 3 kyr), A = 3.12 (tgrow = 30 kyr), and A = 31.2 (tgrow = 300 kyr). Large star-planet/disk inclinations are maintained
only when A . a few.
Figure 7 shows the semi-major axis evolution of a planet
formed at tp = 1 Myr with ap(tp) = 5 au. The shortest mi-
gration time parameter (Λmig = 0.3) leads to a hot Jupiter
at the end of the disk’s lifetime (ap . 0.1 au at t = 10 Myr),
while longer migration time parameters allow ap to decrease
and stop at a value & 0.1 au. Fig. 7 also shows that most
of the planet’s migration occurs when the disk is young
(t . few × tv), since the reduction of disk mass lengthens
tmig significantly [see Eq. (39)].
Figure 8 plots θsp = θsd (top and bottom left panels),
ω˜′sd, and ω˜
′
db (bottom right panel) with time, for the Λmig
values indicated. When Λmig = 0.3, the planet quickly mi-
grates close to its host star within the first few Myr’s (see
Fig. 7). This causes ω˜′sd to increase in time after a few Myr’s,
ensuring that the secular resonance is never achieved (bot-
tom right panel of Fig. 8). As a result, θsp is not excited
by star-disk-binary interactions (top left panel of Fig. 8),
and the hot Jupiter forms without spin-orbit misalignment.
When Λmig = 1.0, the planet migrates to an ap value so that
ω˜′sd ∼ ω˜′db after a few Myr’s. The star-disk-binary system
proceeds to pass into and out of secular resonance, generat-
ing a planet with spin-orbit misalignment (top right panel
of Fig. 8). However, this planet has become a warm Jupiter,
with a final semi-major axis ap = 0.234 au at t = 10 Myr
(see Fig. 7). When Λmig = 3.0, the planet stays sufficiently
far from its host star so that secular resonance may oc-
cur without modification by ωsp, allowing θsp to be ex-
cited by star-disk-binary interactions (bottom left panel of
Fig. 8). The Λmig = 3.0 planet ends at a semi-major axis of
ap = 0.683 au, far too large to be considered a hot Jupiter.
Figure 9 shows another example of the evolution of
star-disk-binary system, in which a hot Jupiter forms via
Type-II migration after secular resonance (when ω˜′sd ∼ ω˜′db).
A large θsp is achieved while ω˜
′
sd . ω˜′db. However, once
the planet migrates close enough to its host star so that
ωsp & ω˜db, the system passes through secular resonance
again, and sˆ switches from precessing around lˆb to pre-
cessing around lˆd ' lˆp. Although θsd evolves to values
significantly larger than the initial θsd(0) = 5
◦, the final
stellar obliquity is modest, and border on being considered
coplanar (θsp . 20◦). We see that even when the star-disk-
planet-binary system does undergo secular resonance, the
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Figure 7. Evolution of the planet’s semi-major axis ap with
time, for different Λmig values as indicated [see Eq. (39)]. We
assume the planet forms at tp = 1 Myr and ap = 5 au with Mp =
0.93 MJ, assuming ξ = 4 (assuming p = 1, and canonical disk
parameters). The planet migrates to ap = 0.07 au (Λmig = 0.3,
fast migration), ap = 0.23 au (Λmig = 1.0, moderate migration),
and ap = 0.68 au (Λmig = 3.0, slow migration).
star-planet interaction significantly reduces spin-orbit mis-
alignment after the planet has migrated near the vicinity of
the host star.
5.4 Hot Jupiters left in disk cavity from
photoevaporation
This section examines the fate of hot Jupiters in star-disk-
binary systems when the disk’s inner cavity is rapidly cleared
by photoevaporation. We adopt the Σ(r, t) prescription of
Section 3. For simplicity, we assume the hot Jupiters form
in-situ, although they could have undergone Type-II migra-
tion before the inner disk is depleted at t ≈ tw. Note that
when the planet lies in the inner disk depleted by photoevap-
oration [see Eq. (39)], radial migration is negligible, halting
the hot Jupiter at ap ≈ ap(tw). We assume the planet forms
at t = tp < tw with mass Mp given by Eq. (63).
The evolution of the planet-star-disk-binary system pro-
ceeds in two stages. For t ≤ tw, the planet is embedded in
the “full” disk, so lˆp ' lˆd and Eqs. (65)-(66) apply. For
t > tw, the planet resides in a depleted disk cavity and
ω˜pd . ωps, ωpb [see Eqs. (54)-(55)], so lˆp and lˆd decouple
and evolve separately. The evolution equations for t > tw
are
dsˆ
dt
=− ω˜sd(sˆ·lˆd)lˆd×sˆ− ωsp(sˆ·lˆp)lˆp×sˆ, (77)
dlˆd
dt
=− ω˜ds(lˆd·sˆ)sˆ×lˆd − ω˜dp(lˆd·lˆp)lˆp×lˆd
− ω˜db(lˆd·lˆb)lˆb×lˆd, (78)
dlˆp
dt
=− ω˜pd(lˆp·lˆd)lˆd×lˆp − ωps(lˆp·sˆ)sˆ×lˆp
− ωpb(lˆp·lˆb)lˆb×lˆp, (79)
where ω˜pd and ω˜dp are given by Eqs. (45) and (46).
Before tw, the disk/planet is strongly coupled to the
star (ω˜′sd  ω˜′db). Immediately following tw, the inner disk’s
rapid depletion causes ω˜sd to fall well below ωsp. The main
coupling allowing sˆ to track lˆp and lˆd is ωsp, while the main
external forcing trying to disrupt the mutual planet-star-
disk coupling is ω˜db. Since ω˜pd is typically much larger than
the other frequencies during this time, lˆp and lˆd are coupled.
Whether sˆ is allowed to become significantly misaligned with
lˆp and lˆd after tw depends on the magnitude of ωsp compared
to ω˜db:
(i) If ωsp & ω˜db, the planet star-disk coupling is stronger
than the disk-binary coupling working to misalign the
planet-star-disk system. The stellar spin sˆ stays aligned lˆp
and lˆd, and stellar obliquity is not excited at t ≈ tw.
(ii) If ωsp . ω˜db, the planet star-disk coupling is weaker
than the disk-binary coupling. The stellar spin sˆ decouples
from lˆp and lˆd, and stellar obliquities are excited at t ≈ tw.
Soon after tw, ω˜pd ≈ ω˜pd> falls well below ωps, and
lˆp decouples from lˆd but remains strongly coupled sˆ. The
stellar obliquities excited in planet-star-disk-binary systems
over the disk’s lifetime depends on the magnitude of ωsp
compared to ω˜db.
Figure 10 displays the evolution of the star-disk-planet-
binary system for ap = 4 rin = 0.147 au, which implies
ωsp & ω˜db. We assume Σ(r, t) evolves under prescription (20)
with tv,in = 0.01 Myr and tw = 5 Myr. The left panels of
Fig. 10 show the evolution of various angles and frequen-
cies over the disk’s lifetime, while the right panels zoom in
around t ≈ tw. The top right panel shows sˆ and lˆd decou-
ple first, since θsd > θpd, θsp after tw. The bottom panel of
Fig. 10 shows that because ω˜pd & ωps directly after tw, lˆp re-
mains strongly coupled to lˆd, while ω˜sd has fallen well below
ωsp and ω˜db in magnitude. Because ωsp & ω˜db, sˆ decouples
from lˆd and begins to adiabatically follow lˆp. The adiabatic
trailing of sˆ around lˆp directly following tw suppresses any
θsp excitation (top right panel of Fig. 10). The top left panel
shows by the end of the disk’s lifetime, θsp is not excited,
the expected outcome since ωsp & ω˜db (bottom left panel of
Fig. 10). The star-planet system ends up decoupled from the
disk, which continues to precess around the binary’s orbital
angular momentum vector lˆb.
Figure 11 is identical to Fig. 10, except ap = 8 rin =
0.294 au so the system falls into the ωsp . ω˜db regime. The
bottom right panel of Fig. 11 shows for a brief amount of
time following tw, lˆp is still strongly coupled to lˆd but not to
sˆ (ω˜pd & ωps), while sˆ quickly decouples from lˆd and couples
to lˆp (ωsp & ω˜sd). Because ωsp . ω˜db, sˆ cannot adiabatically
track lˆp due to its rapid precession around lˆb through the
strong coupling of lˆp to lˆd, explaining why θsd > θpd, θsp
when t > tw (top right panel of Fig. 11). Some time after
tw, θsp is excited to large values (top left panel of Fig. 11).
After t & tw + few × tv, ω˜pd falls well below ωps (bottom
left panel of Fig. 11), causing lˆp to couple strongly with sˆ,
explaining why θsp ∼ constant soon after its excitation at
t ≈ tw.
These two examples show that although the planet-star-
disk-binary system’s dynamics following tw is complex, the
key criterion for exciting stellar obliquities is ωsp . ω˜db at
t ≈ tw. This is similar to the criterion discussed in Sec-
tion 5.1 [see Eqs. (70)-(71)].
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Figure 8. Evolution of the star-disk/star-planet angle θsd = θsp (top and bottom left panels) and precession frequencies ω˜
′
sd [Eq. (67)]
and ω˜′db [Eq. (69)] (bottom right panel) with time, for the Λmig values indicated. In the bottom right panel, the different lines correspond
to fast migration (Λmig = 0.3, dotted), moderate migration (Λmig = 1.0, dashed), and slow migration (Λmig = 3.0, solid). We take all
parameters to be cannonical with p = 1 and tv = 0.5 Myr. The planet forms at tp = 1 Myr and ap = 5 au with Mp = 0.931 MJ [assuming
ξ = 4 in Eq. (63)]. We take θsd(0) = 5
◦ and θdb(0) = 60◦ in all integrations. See Fig. 7 for the ap evolution. No appreciable θsp is
generated when a hot Jupiter is produced (see the Λmig = 0.3 case).
6 DISCUSSION
6.1 Observational Implications
Due to the prevalence of circumstellar disks in binary
systems misaligned with the binary’s orbital plane (e.g.
Stapelfeldt et al. 1998; Jensen & Akeson 2014), star-disk-
binary interactions have been suggested to generate pri-
mordial spin-orbit misalignments in exoplanetary systems
(Batygin 2012; Batygin & Adams 2013; Lai 2014; Spalding
& Batygin 2014). For a wide range of disk/binary parame-
ters, the star-disk-binary system naturally passes through a
secular resonance during the disk’s evolution, in which the
precession rate of the stellar spin driven by the disk (ω˜sd)
matches the precession rate of the disk driven by the binary
companion (ω˜db). When the system passes through this sec-
ular resonance, a significant misalignment between the stel-
lar spin and disk axis is generated, even for systems with low
disk-binary inclinations (see Fig. 1). Because this mechanism
is so robust, the effects of accretion and magnetic interac-
tions have been invoked to damp the spin-disk misalignment
(Lai 2014; Spalding & Batygin 2015), and to explain the ob-
served correlation between stellar effective temperatures and
obliquities (Winn et al. 2010; Albrecht et al. 2012; Mazeh et
al. 2015; Li & Winn 2016; Winn et al. 2017).
We have shown that when a giant planet forms or mi-
grates to a semi-major axis ap where the precession rate of
the spinning star around the planet exceeds the precession
rate of the disk around the binary companion [ωsp & ω˜db,
see Eqs. (49) and (10)], stellar obliquity excitation may be
reduced or completely suppressed. The excitation is reduced
when the planet-star-disk-binary system undergoes secular
resonance before the planet migrates near the inner edge of
the protoplanetary disk (Fig. 9). The obliquity excitation is
completely suppressed when the planet forms or migrates to
a semi-major axis too close to its host star before the sys-
tem has a chance to experience secular resonance (Figs. 5
and 8). The obliquity excitation may be maintained if the
planet accretes a significant amount of mass non-locally
over sufficiently short timescales (Fig. 6). We find in order
for star-disk-binary interactions to generate significant mis-
alignment between a planet and its host star (θsp & 30◦),
the planet must lie on an orbit where the disk-binary preces-
sion frequency exceeds the star-planet precession frequency
(ω˜db & ωsp), or the system’s second secular resonance (when
ωsp ∼ ω˜db) must be crossed quickly. Rapidly clearing the
protoplanetary disk’s inner region via photoionization does
not modify this criterion (Sec. 5.4). Assuming the gas-giant’s
growth is sufficiently slow, a lower bound may be placed on
the semi-major axis ap of a planet [see Eqs. (70)-(71)] which
may have primordial spin-orbit misalignment generated via
star-disk-binary interactions (assuming p = 1):
ap & 0.24
(
2kq
k?
)1/3(
Mp
1 MJ
)1/3(
Ω¯?
0.1
)1/3
R¯
1/2
? a¯b
M¯
1/3
b r¯
1/2
out
au.
(80)
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Eq. (80) depends very weakly on the surface density power-
law index p [Eq. (70)].
6.1.1 Misalignments of Hot Jupiter Systems
Equation (80) [see also Eqs. (70)-(71)] shows that while
“cold” Jupiters (planets with mass Mp ∼ 1 MJ and semi-
major axis ap & 1 au) and close-in earth-mass planets can
experience primordial misalignment excitations from binary
companions, hot Jupiters (HJ) may have this primordial
misalignment reduced or completely suppressed. Most sys-
tems with significant stellar obliquities detected via the
Rossiter-McLaughlin effect are HJs with semi-major axis
ap . 0.1 au (Winn & Fabrycky 2015; Triaud 2017). Thus our
work shows that HJs with star-planet inclinations θsp & 30◦
are unlikely to have developed these misalignments through
planet-star-disk-binary interactions.
Other ways to primordially misalign the stellar spin axis
with the planet’s orbital angular momentum include molec-
ular cloud turbulence during the formation of circumstellar
disks (Bate et al. 2000; Bate, Lodato & Pringle 2010; Field-
ing et al. 2015) and magnetic star-disk interactions (Lai et
al. 2011; Foucart & Lai 2011). For molecular cloud turbu-
lence to generate spin-orbit misalignment primordially, the
in-falling cloud material must cause the disk’s orbital an-
gular momentum vector to vary on timescales less than the
precession period of the stellar spin around the disk (Spald-
ing, Batygin & Adams 2014). Our work shows that the lo-
cation and time of massive planet formation is also relevant
for how efficiently molecular cloud turbulence may generate
primordial spin-orbit misalignments.
6.1.2 Kepler Multi-planet Systems
Observational evidence suggesting multi-planet systems dis-
covered by Kepler have low stellar obliquities is beginning
to mount (Albrecht et al. 2013; Winn et al. 2017). Equa-
tion (80) shows that such systems may experience primor-
dial obliquity excitation by inclined binary companions, de-
pending on the mass of the planet and the semi-major axis
of the companion. If HJs form in multi-planetary systems,
but are subsequently disrupted or engulfed by the host star
(e.g. by stellar tides), the hot Jupiter’s presence before the
protoplanetary disk dissipates may “protect” multi-planet
systems from primordial spin-orbit misalignment excitation
in the presence of an inclined binary companion. The occur-
rence rate of HJs is . 1% (e.g. Marcy et al. 2005; Gould
et al. 2006; Cumming et al. 2008; Howard et al. 2010, 2012;
Bayliss & Sackett 2011; Wright et al. 2012), the occurrence
rates of Jovian-mass planets orbiting interior to ∼ few au
is ∼ 5 − 10% (e.g. Cumming et al. 2008; Clanton & Gaudi
2016), and potentially as high as ∼ 50% for long-period
(semi-major axis ∼ few − 100 au) giant planets (e.g. Clan-
ton & Gaudi 2016; Foreman-Mackey et al. 2016; Vigan et
al. 2017). If the population of “destroyed” HJs is compara-
ble to the fraction of long-period massive planets, a signif-
icant fraction of low-obliquity (θsp ≈ 0◦) exoplanetary sys-
tems may be explained through this mechanism. The multi-
planet system WASP-47, containing a HJ with two low-mass
planet “neighbors” (Becker et al. 2015) and a stellar obliq-
uity θsp = 0 ± 24◦ consistent with 0 (Sanchis-Ojeda et al.
2015), may be an example of a multi-planet system with a
HJ “protector” which has survived to the present day.
6.2 Theoretical Uncertainties
In Section 3, we considered a simple model for non-
homologous surface density evolution, parameterizing the
UV-switch model of photoevaporation (Clarke et al. 2001).
Our model assumes the critical radius rc (where the disk’s
photo-ionization rate is comparable to the disk’s viscous de-
pletion rate) is fixed in time. In reality, photoevaporation
forces rc to expand in time shortly (. 105 years) after the
inner disk is viscously depleted onto the central star, and
expands outward over a timescale of ∼ 105 years (Alexan-
der, Clarke & Pringle 2006; Owen et al. 2010). There is not
a simple way to relate this timescale to tw (when the in-
ner disk begins to clear) and tv,in (the timescale over which
the inner disk is depleted). In addition, the expansion of rc
may accelerate due to a dynamical instability termed “ther-
mal sweeping” (Owen, Clarke & Ercolano 2012; Haworth,
Clarke & Owen 2016). Including the expansion of rc will
work to reduce the magnitudes of the precession rate of the
stellar spin around the outer disk [ω˜sd>, Eq. (25)] and the
precession rate of the planet about the outer disk [ω˜pd>,
Eq. (42)], which already become insignificant shortly after
the inner disk is viscously drained (t & tw + few × tv, see
Figs. 10-11). Since the excitation of stellar obliquities with
a planet inside the disk’s inner cavity depends mainly on
the planet-star-disk-binary properties when the inner disk
is drained (t ≈ tw), inclusion of an expanding rc will not
change the main results of this paper.
Other models exist which cause the disk surface density
to evolve non-homologously. For instance, Russo & Thomp-
son (2015a,b) considered the evolution of protoplanetary
disks through magnetorotational instability (Balbus & Haw-
ley 1991) driven turbulence, seeded by magnetized stellar
winds. Because the magnetic field from the star is larger
near the inner truncation radius, the inner region of the
disk is more turbulent than the outer region. This model
for turbulence in disks around T-Tauri stars results in the
inner (r . few au) disk accreting in less than a few Myr. In-
vestigating the effect of such non-homologous disk evolution
models is outside the scope of this paper.
In this work, we have assumed that the disk is flat (i.e. lˆd
is independent of radius). Disk warping may change the mu-
tual inclinations of planets formed in star-disk-binary sys-
tems, and align the stellar spin, disk, and binary orbital an-
gular momentum axis over viscous timescales. These issues
are addressed in a companion work (Zanazzi & Lai 2017b).
Disk warping may also affect the planet-disk interaction of
massive planets, explored in Lubow & Ogilvie (2001).
7 CONCLUSIONS
In this work, we have studied how the formation of a mas-
sive planet orbiting close to its host star affects the gener-
ation of primordial misalignment between the stellar spin
and the orbital angular momentum axes of the planet and
disk in the presence of an inclined external binary compan-
ion. We find that when a protoplanetary disk’s inner cavity
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is rapidly cleared by photoevaporation before secular reso-
nance occurs, the star-disk misalignment is reduced (Sec. 3,
Fig. 3). More importantly, when a giant planet (hot Jupiter)
forms or migrates early to the near vicinity of the host star,
it becomes strongly coupled to the star, preventing any sig-
nificant excitation of spin-orbit misalignment. Specifically,
we find (Sec. 5):
(i) If a hot Jupiter forms early in-situ, spin-orbit misalign-
ment is completely suppressed since the star-planet preces-
sion frequency ωsp [Eq. (49)] always exceeds the disk-binary
precession frequency ω˜db [Eq. (10)].
(ii) If a hot Jupiter forms late in-situ and accretes most
of its mass from viscously advected disk gas, spin-orbit mis-
alignment is significantly reduced when the planet’s mass
grows over a timescale sufficiently longer than the disk-
binary precession period (Fig. 6). Spin-orbit misalignment
can be maintained if the planet’s mass growth timescale
[Eq. (73)] is shorter than the disk-binary precession period
(Fig. 6).
(iii) If a giant planet forms in the outer region of the pro-
toplanetary disk, and migrates in via Type-II migration, the
excitation of spin-orbit misalignments depends on the migra-
tion history of the planet relative to the time of the secular
resonance. If the planet migrates to a semi-major axis ap
such that the star-planet precession frequency exceeds the
disk-binary precession frequency (ωsp & ω˜db) before secular
resonance, spin-orbit misalignment is completely suppressed
(Fig. 8, top left panel). If the planet migration occurs af-
ter secular resonance, the stellar obliquity is significantly
reduced when the planet migrates to a close-in orbit which
satisfies ωsp & ω˜db (Fig. 9).
(iv) If the giant planet is left in the photoevaporated inner
disk cavity before secular resonance occurs in the star-disk-
binary system, spin-orbit misalignment is completely sup-
pressed, unless the star-planet precession frequency is less
than the disk-binary precession frequency (ωsp . ω˜db) when
the inner disk is cleared (Figs. 10-11).
Overall, our work shows that regardless of the compli-
cation of disk evolution, significant stellar obliquities can be
generated only when the planet forms at an orbital sepa-
ration where the star-planet precession frequency exceeds
the disk-binary precession frequency (ωsp . ω˜db), or the
planet forms quickly after the system undergoes secular
resonance. This places a lower bound on a slowly form-
ing planet’s semi-major axis such that primordial spin-orbit
misalignment can be generated via star-disk-binary interac-
tions [Eqs. (70),(71) or (80)]. Hot Jupiters do not satisfy this
bound, and thus may not acquire significant spin-orbit mis-
alignment through this mechanism, depending on how the
planet accreted its mass (Sec. 6.1.1). On the other hand,
“cold Jupiters” and close-in earth-mass planets may experi-
ence excitation of spin-orbit misalignments under appropri-
ate conditions. If hot Jupiters form in multi-planet systems,
they may protect the system from suffering primordial spin-
orbit misalignments in the presence of an inclined binary
companion (Sec. 6.1.2).
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Figure 9. Evolution of the star-disk/star-planet angle θsd = θsp
(top and middle panels) and precession frequencies ω˜′sd [Eq. (67)]
and ω˜′db [Eq. (69)] (bottom panel) with θdb(t) approximately
equal to θdb(0) = 20
◦ (top) and θdb(0) = 60◦ (middle), for
Λmig = 0.3 and θsd(0) = 5
◦ in all integrations. We take all pa-
rameters to be canonical except ab = 200 au with p = 1 and
tv = 0.5 Myr. The planet forms at tp = 1 Myr and ap = 5 au with
Mp = 0.931 MJ [assuming ξ = 4 in Eq. (63)]. See Fig. 7 for the ap
evolution. Significant (θsp & 30) spin-orbit misalignments are not
sustained when a Jovian planet migrates close to it’s host star
after the star-disk-binary system experiences secular resonance
(ω˜sd ∼ ω˜db).
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Figure 10. Star-disk-planet-binary evolution under a prescribed Σ depleation due to photoevaporation (see Sec. 3). Top panels display
θsd, θpd, and θps with time, bottom panels display numerous characteristic precession frequencies with time. Left panels show the system’s
entire dynamical evolution over 10 Myr, right panels show the system’s dynamics near t ≈ tw = 5 Myr. All parameters are cannonical
except p = 3/2 and tv = 0.1 Myr, with tw = 5 Myr, tv,in = 0.01 Myr, rc = 2 au, hp = 0.2, ap(t) = ap(0) = 4 rin = 0.147 au, tp = 0.3 Myr,
and Mp = 0.338 MJ (assuming ξ = 10). We take θsd(0) = 5
◦ and θdb(t) ≈ θdb(0) = 60◦ for all integrations. Because ω˜′sd & ω˜′db at t ≈ tw,
the star-planet inclination θsp stays negligible.
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Figure 11. Same as Fig. 10 except ap(t) = ap(0) = 8 rin = 0.294 au, tp = 0.3 Myr with Mp = 0.568MJ (assuming ξ = 10). Because
ω˜′sd . ω˜′db at t ≈ tw, the star-planet inclination θsp is excited after tw.
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